The σ Ori cluster is an unbound aggregate of a few hundred young, low-mass stars centered on the multiple system σ Ori. This cluster is of great interest because it is at an age when roughly half of the stars have lost their protoplanetary disks, and the cluster has a very large population of brown dwarfs. One of the largest sources of uncertainty in the properties of the cluster is that the distance is not well known. The directly measured Hipparcos distance to σ Ori AB is 350 +120 −90 pc. On the other hand, the distance to the Orion OB1b subgroup (of which σ Ori is thought to be a member), 473±40 pc, is far better determined, but it is an indirect estimate of the cluster's distance. Also, Orion OB1b may have a depth of 40 pc along our line of sight. We use main sequence fitting to 9 main sequence cluster members to estimate a best fit distance of 420±30 pc, assuming a metallicity of −0.16±0.11 or 444 pc assuming solar metallicity. A distance as close as 350 pc is inconsistent with the observed brightnesses of the cluster members. At the best fit distance, the age of the cluster is 2-3 Myrs.
Introduction
The bright O9.5V star σ Ori is a trapezium-like system with six known components.
The brightest component, σ Ori AB (V=3. m 80), is a 0.25 ′′ binary (Horch et al. 2001) with an O9V primary and a B0.5V secondary (Edwards 1976 ) and an orbital period of ∼170 years or ∼158 years (Heintz 1974 (Heintz , 1997 . The O9V primary, σ Ori A, is itself a double lined spectroscopic binary 1 (Peterson 2006; Bolton 1974; Miczaika 1950) . The spectral type of σ Ori C is A2V. The D and E components are B2V stars with V≃6.8 and ≃6.6 respectively (see Table 1 ).
The σ Ori cluster was first recognized as a group of high-mass stars by Garrison (1967) , and as cluster of low-mass pre-main-sequence stars by Walter, Wolk, & Sherry (1998) .
Continuing work on the cluster has revealed a young cluster of several hundred low-mass stars (Sherry et al. 2004; Burningham et al. 2005; Kenyon et al. 2005) and a rich population of brown dwarfs (Béjar et al. 1999 (Béjar et al. , 2001 Béjar, Zapatero Osorio, & Rebolo 2004; Zapatero Osorio et al. 2002) . About one third to one half of the stars retain their accretion disks (Oliveira, Jeffries & van Loon 2004; Hernández, et al. 2007 ). The cluster is considered part of the Orion OB1b association. Age estimates for Orion OB1b range from less than 2 Myrs (Brown, de Geus, & de Zeeuw 1994) up to 7 Myrs (Blaauw 1991) . This is an exceptionally interesting age because it is the age when protoplanetary disks are making the transition from optically thick to optically thin and may be the age when giant planets form. The more accurately the cluster age can be measured, the tighter the constraint on disk lifetimes and the time available for giant planet formation will be. See Walter, et al. (2008) for a recent review of observational data on the low-mass population of the σ Ori cluster.
1 We wish to thank Deane Peterson for sharing unpublished results of his observations of σ Ori AB with us.
The most significant source of uncertainty for the age of this cluster is the uncertain distance to the cluster. Many authors adopt the Hipparcos distance of 350 +120 −90 pc for σ Ori (Perryman et al. 1997) as the distance to the center of the cluster. This has the virtue of being a direct measurement of the distance to the cluster, but it has an uncertainty of 30% (see Schroeder et al. (2004) for a discussion of biases on Hipparcos parallaxes of O stars). Others use the Hipparcos distance to the Orion OB1b subgroup (of which σ Ori is a member), 473±40 pc (deZeeuw et al. 1999) , as the distance to the cluster. This value is more precise because it is the average distance to 42 members of the association, yet it is only an indirect measurement of the distance to σ Ori. Similarly, Hernández, et al. (2005) find a distance of 443±16 pc from the Hipparcos parallaxes of the combined Orion OB1b and 1c subgroups. The Orion OBIb association has a size of ∼30-40 pc across the sky, so it is likely to have a similar depth along our line of sight. The cluster could easily lie >20 pc in front of or behind the center of Orion OBIb. It would be preferable to have a direct measure of the cluster's distance that is more precise than the Hipparcos distance to σ Ori.
In a brief abstract, Garrison (1967) said that main sequence fitting to 15 B stars near σ Ori yielded a narrow main sequence at a distance modulus of 8.2 (440 pc). Garrison did not correct for the small values of reddening that some of the likely cluster members have.
Garrison does not appear to have ever published a more detailed description of this result.
In this paper we re-examine the main sequence fitting distance for the σ Ori cluster using published spectroscopy and photometry for the stars that lie within 30 ′ of σ Ori AB and have spectral types earlier than F0.
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Analysis and Data
We searched the literature 2 for photometry and spectral types for all of the stars within 30 ′ of σ Ori AB that have spectral types earlier than F0. Several of the stars have B and V photoelectric photometry from multiple observations taken prior to 1980. Table 1 collects our adopted colors and magnitudes for the 19 stars we selected.
We have also obtained new spectra of those stars whose spectral types or colors appeared discrepant. These spectra, obtained with the SMARTS/CTIO 1.5m RC spectrograph, have 1.6Å resolution between about 3880 and 4500Å. Spectral types have been determined through visual comparison with a grid of spectral standards obtained with the same same instrument.
Magnitudes and B−V Colors for Individual Stars
Several of the stars listed in Table 1 can not be directly compared to the main sequence because they are binaries or have known problems with their photometric data. Their photometry must be corrected before being included in any estimate of the cluster distance. (Fruscione et al. 1994; Bohlin et al. 1983 ). The uncertainty on the column density is 20%. This value is also consistent with published estimates of the line of sight reddening to σ Ori AB (e. g. Lee (1968) ) and with the N(H) column density of 3.6×10 20 cm −2 measured by Shull & Van Steenberg (1985) . Greenstein & Wallerstein (1958) measured the B and V magnitudes of σ Ori C. They noted that the observed B−V color of σ Ori C, −0. m 02, is too blue for its spectral type, A2V, which should have (B−V) 0 =0. m 06 (Kenyon & Hartmann 1995) . Greenstein & Wallerstein (1958) account for the exceptionally blue color of σ Ori C as the result of scattered light from σ Ori AB (11 ′′ away) in the aperture of the photometer. The published V magnitude is 8. m 79 (Greenstein & Wallerstein 1958) , but that measurement was also contaminated by scattered V band light from σ Ori AB. Greenstein & Wallerstein (1958) σ Ori E is physically associated with σ Ori AB. Much of the uncertainty surrounding the membership of σ Ori E with σ Ori AB follows from uncertainty on the mass and evolutionary status of σ Ori E. Greenstein & Wallerstein (1958) estimated the absolute magnitude of σ Ori E using three different methods, thereby placing the star on or near the main sequence (which would put σ Ori D, and σ Ori E at the same distance). They found that the equivalent widths of two components of the interstellar K line are similar for both σ Ori AB and σ Ori E, as are the radial velocities. Attempts to model the UV flux from the V band flux and spectroscopic features lead to models of σ Ori E that have masses that are far too small (∼3 M ⊙ ) for an early B main sequence star (M∼9 M ⊙ ).
The main reason for the low masses in these models is that the profiles of the Balmer and helium lines indicate a low gravity (Hunger, Heber, & Groote 1989) . More recent models postulate emission from plasma clouds magnetically confined above the photosphere (Townsend, Owocki, & Groote 2005) which may explain the discrepancy between the gravity estimated from line profiles and data that indicate that σ Ori E is a main sequence star. Given the significant uncertainties on the models, we take the observations indicating that σ Ori E is a main sequence star with a normal mass and radius for its spectral type at face value.
A B2V star has (B−V) 0 of −0. m 24 (Kenyon & Hartmann 1995) . The measured B−V for σ Ori E is −0. m 18 (Guetter 1979) , which makes E(B−V) 0. m 06. This is consistent with the observed N(H) column density of 4.5×10 20 cm −2 (Fruscione et al. 1994; Shull & Van Steenberg 1985) . The uncertainty on the column density is 20%.
BD −02 1323C and HD 294272
BD −02 1323C was not found by our initial SIMBAD search for early type stars within 30 ′ of σ Ori. This star came to our attention because SIMBAD notes that HD 294272 is a member of a triple system, ADS 4240 (Aitken 1932 Guetter (1979 Guetter ( , 1981 and Mermilliod & Mermilliod (1994) have been correctly assigned in Table 1 .
HD 294273 & HD 294279
We obtained new spectra for HD 294273 & HD 294279 since the only published spectral types that we could find are A2 and A3, respectively, in the HD catalog. The Ca II K lines are far too strong for early A spectral types. The revised spectral types are early F (F0-F3)
for HD 294279 and A7 for HD 294273. We do not assign a luminosity class, but it is likely that they are both class V.
Reddening
We estimate the reddening of most of the stars in our sample by comparing the observed B−V color to the (B−V) 0 expected for each star's spectral type, and computing A V assuming R=3.1. Column 8 of Table 1 quoted by Lee (1968) ; Shull & Van Steenberg (1985) for σ Ori AB.
Assuming that E(U−B)=0.72E(B−V), we expect a mean E(U−B)∼0. m 04 mag. This is comparable to or smaller than the uncertainties on (U−B) 0 due to the change in (U−B) 0 from one spectral type to the next along the ZAMS. We found a median E(U−B) of 0. m 02±0.03 with most of the stars in Table 1 having values ranging from −0. m 06 to 0. m 07.
HD 37633 (V1147 Ori), a known variable, does have an exceptionally large, negative
. This may be due to its variability or a U band excess. Our spectrum shows a spectral type of B9.5. HD 37699 also has a very blue U−B color excess with E(U−B)=−0. m 11. Since these two have values of E(U−B) that are significantly less than zero, we excluded these stars from the calculation of the median E(U−B). Our median E(U−B) is consistent with our mean E(B−V) and a normal reddening law.
The small reddening has a disproportionate impact on main-sequence fitting on the V, B-V plane because the ZAMS has a slope
∼18 for stars near B5V. If we were to ignore the cluster's reddening, we would find a distance that is ∼100 pc smaller than we find when correcting for the observed color excess.
The Main Sequence Turn-On
Since the σ Ori cluster is roughly 3 Myrs old, most of the cluster members have not reached the ZAMS. Figure 1 compares the ZAMS of Turner (1976 Turner ( , 1979 to theoretical isochrones from Siess, et al. (2000) and Palla & Stahler (1999) . These models predict that the main sequence turn-on is near very late B or very early A spectral type, depending upon the assumed age and the choice of model. Therefore we exclude the A stars in fitting the main sequence, as they are likely to lie above the ZAMS.
The Abundances of σ Ori Cluster Members
Cunha, Smith, & Lambert (1998) report that [Fe/H] for the Orion OB association as a whole is −0.16±0.11. However, most of the stars in their sample were from Orion OB1c and 1d. They also report variations of the oxygen to iron ratio with position within Orion OB1, possibly due to self-enrichment by supernovae.
Metallicity changes the position of stars on the CMD in three ways. Lower metallicity stars are slightly more luminous (at a fixed mass). Lower metallicity stars also have smaller radii, and thus higher temperatures and earlier spectral types at a given mass. Among low-mass stars, lower metallicity stars also have less line-blanketing. This makes them bluer than higher metallicity stars of the same spectral type.
The (U−B) 0 and (B−V) 0 colors of early type stars are much less sensitive to metallicity than those of late type stars. From Table 1 The A stars HD 37564 and HD 37333 are much brighter than A type cluster members should be. This suggests that they may be foreground stars or binaries.
HD 37564
The SIMBAD data base lists this star with a spectral type of A0V. This spectral type appears to be from the SAO catalog (SAO catalog 1966). Guetter (1981) reports a spectral type of A8V, however, the measured value of B−V is slightly bluer than (B−V) 0 for an A8V star (Kenyon & Hartmann 1995) . If the color is correct, then HD 37564 should have a spectral type of A7 or earlier if it is reddened. In our spectrum the Balmer lines match spectral type A5 standards, while the depth of the CaII K line suggests a slightly later type of about A7.
HD 37564 is the reddest of the three bright outliers on figure 3. At spectral type A7V, it lies roughly 1.4 magnitude above the 2.5 Myr isochrone. HD 37564 could be a foreground field star at a distance of ∼150 pc. If the spectral type is later than A7V, then the mismatch between the measured V magnitude and the expected V magnitude for a distance of 440 pc is even larger. This is consistent with previous studies that concluded that HD 37564 is probably not a member of Orion OB1 (Brown, de Geus, & de Zeeuw 1994) .
HD 37333
HD 37333, the other obvious outlier, is 0.75 magnitudes brighter than expected for a dereddened A0V star at a distance of 440 pc. Since 0.75 magnitudes is the exact magnitude difference which an equal mass binary would have, it is quite plausible that HD 37333 is a cluster member that is an equal mass binary.
If HD 37333 is not an equal mass (or nearly equal mass) binary, then it is too bright to be a member of the cluster. If it is a main sequence field star, its likely distance modulus would be ∼310 pc. A distance of 310 pc would be consistent with membership in the Orion OB1a group, but an A0V ZAMS star would be more than 0.5 mag. fainter than an A0V main sequence field star.
HD 294272
HD 294272 is a member of a multiple system, ADS 4240. It is not clear if ADS 4240A
(HD 294271), ADS 4240B (HD 294272), and ADS 4240C (BD −02 1323C) are a bound system or a chance alignment. The small separation between HD 294272 and BD −02 1323C (8.5 ′′ ) suggests that at least these two stars are a physical system. However, HD 294272 has been classified as a B9.5III star (Guetter 1981) and is 0. is too bright to be a main sequence star. One possibility is that HD 294272 is a binary with a PMS companion. This would make the unresolved binary brighter and redder. Since the PMS companion would be brighter than a main sequence star of the same color, the unresolved system could be consistent with cluster membership. An alternative is that HD 294272 is not a cluster member, although this makes the small apparent separation unlikely.
HD 294279
As stated above, we find that HD 294279 has a spectral type of F0-F3. This is consistent with the observed B−V color of 0.39 and modest reddening. An A V of ∼0 places the star ∼1 magnitude above the main sequence and 1 magnitude below the 2.5 Myr isochrone at the best fit distance to the cluster. This strongly suggests that HD 294279 is a foreground field star.
Caballero (2006) to an 11 Myr old isochrone at 330 pc than it does to the σ Ori isochrone.
HD 294273
With a revised spectral type of A7, HD 294273 has an A V which is the same as that of cluster members. It also lies on the ZAMS for a distance of 440 pc. However, for it to be a cluster member it would need to be ∼5 Myrs older than the age of the cluster. Since there is no evidence for such a large age spread, we think that it is far more likely that HD 294273 is a field star. It is probably slightly more distant than the σ Ori cluster because stars on the main sequence are brighter than stars of the same spectral type on the ZAMS. colors, but there are no measurements of the spectral type or colors for σ Ori Ab. This makes σ Ori Ab unusable, leaving us with 9 usable main sequence cluster members. The stars which we have used to determine the cluster's distance are marked with an asterix in column 11 of Table 1 .
The Cluster's Distance
We estimate the best fit distance to the σ Ori cluster by calculating χ 2 ν for the colors and magnitudes from Table 1 compared to two versions of the ZAMS shifted to a series of distances. We estimated the uncertainty on the best fit distances as the distances at which we found that χ 2 = χ 2 best +1.
We examined two empirical ZAMS (Turner 1976 (Turner , 1979 Schmidt-Kaler 1982) in order to select the best representation of the σ Ori cluster's main sequence. Both ZAMS closely follow the cluster's main sequence.
We use both versions of the ZAMS because although Turner's ZAMS follows the locus of cluster members on the CMD nearly perfectly, it does not include U band photometry.
The ZAMS from Schmidt-Kaler does not trace the locus of our data quite as well, but includes U band photometry. The U band ZAMS values are valuable because the slope of the ZAMS is ∼6 on the (U−B) 0 vs. V 0 CMD and ∼4.5 on the (U−V) 0 vs. V 0 CMD. These slopes are much shallower than the slope of ∼18 on the (B−V) 0 vs. V 0 CMD. This makes the best fit distance less sensitive to small errors in the reddening correction.
The Empirical ZAMS of Turner
We shifted the ZAMS of Turner (1976 Turner ( , 1979 We estimated the most probable distance to the cluster by calculating χ 2 ν for the ZAMS shifted to 1000 candidate distances between 280 pc and 530 pc. For each candidate distance we calculated χ 2 ν from the separation between the empirical ZAMS and the (B−V) 0 colors of the nine main sequence cluster members for which we have directly measured B−V colors, or spectral types. We used the (B−V) 0 colors as the dependent variable for the χ 2 ν calculation because the uncertainties in the colors dominate the uncertainties on the estimated distance. Our best fit distance is 442±20 pc.
The small value, 0.5, of our best χ 2 ν suggests that we have over-estimated the uncertainties on the (B−V) 0 colors.
The Empirical ZAMS of Schmidt-Kaler
Using the ZAMS of Schmidt-Kaler (1982) , also shifted to match the Pleiades, on the (B−V) 0 vs. V 0 CMD, we find a best fit distance of 462 An alternative is to use the reddening corrected (U−B) 0 and (U−V) 0 colors that correspond to the observed spectral types. Doing that, we find distances of 452±14 pc and 447 +13 −7 pc respectively. Since there is much more scatter in the observed U−B colors (which we used to get the U−V colors) than in the observed B−V colors, using the spectroscopic colors to estimate the cluster's distance may be more accurate. Table 2 collects all of the distances we estimated using different color indices, reddenings, ZAMS, and metallicities.
The Best Distance Estimate
It is not straight-forward to combine the best-fit distance estimates into a single best-fit distance. The various results we obtained using the Schmidt-Kaler (1982) ) and the Turner (1976) ZAMS should not simply be averaged because the differences between them are systematic, not random. Given the difficulties correcting for the reddening on the V, U−B and V, U−V CMDs, we give more weight to the distance estimates we found using the spectroscopic colors. These distance estimates, combined with the distance estimates from the V, B−V CMD, indicate a best-fit distance of 444±20 pc assuming solar metallicity. Correcting for the lower metallicity of the cluster brings the distance estimate down to somewhere between 400 pc and 440 pc. At the most likely metallicity, the best-fit cluster distance is 420±20 (random)±25 (systematic) pc or 420±30 pc. As knowledge of the cluster's metallicity is refined, the best estimate of the distance modulus will shift and the systematic component of the uncertainty will be reduced. It is important to note that for the purposes of comparing the cluster to solar metallicity isochrones, the isochrone should be shifted to be ∼0 m .12 fainter to compensate for the lower luminosity of a sub-solar metallicity isochrone. For low-mass stars line-blanketing will shift the isochrone by an additional amount that will depend upon the color index used on the CMD.
The final line of Table 2 lists the best "average" distance estimates for five assumed values for the cluster's metallicity. The assumed metallicities range from +0.04 to −0.27.
The uncertainties include only the random component of the uncertainty.
Discussion
An improved distance estimate for the σ Ori cluster will impact the conclusions of previous research by varying degrees, depending upon what distance the authors assumed.
Implications for the Age of the Cluster
The position of σ Ori C on figure 3 suggests a cluster age of ∼2.5 Myrs. This is consistent with the age of 2-3 Myrs estimated from the low-mass stars by Sherry et al. (2004) . Sherry et al. (2004) did not correct for the small reddening, or the sub-solar metallicity of the cluster. An A V of 0.19 would make the low-mass stars a bit brighter and therefore slightly younger. A sub-solar metallicity should make the low-mass stars bluer at a given spectral type. This would make the cluster's locus on the CMD fainter (thus a bit older). The net effect on the estimated age is likely to be small, but without isochrones matched to the cluster's metallicity, the net effect is difficult to estimate.
Adjustments to the Cluster's X-Ray Luminosity Distribution Function
Franciosini, Pallavicini, & Sanz-Forcada (2006) compared the X-Ray Luminosity Distribution Function (XLDF) of candidate low-mass members of the σ Ori cluster to the XLDFs of ρ Oph, the Orion nebula cluster (ONC), and the Cha I star forming regions.
They found that the median 0.1-4 keV luminosity of K-type candidate members of the σ Ori cluster is a factor of 3 to 5 fainter than that for the ONC or Cha I, but comparable to that of ρ Oph. They also found that the median X-ray luminosity for σ Ori cluster M-type candidate members is significantly lower than those of all three star forming regions. Franciosini, Pallavicini, & Sanz-Forcada (2006) note that the discrepancy between the observed σ Ori XLDF and the ONC or Cha I XLDFs may be due in part to contamination of the membership list by field stars. They report that their sample includes 45 candidate σ Ori cluster member that were selected from just photometric data and that were not detected with XMM. The discrepancy between the XLDFs of the ONC and Cha I and the XLDF of the σ Ori cluster is significantly reduced if most or all of these 45 candidate cluster members are assumed to be non-members. Franciosini, Pallavicini, & Sanz-Forcada (2006) assumed the Hipparcos distance of 352 pc for σ Ori. Also, they used an XLDF for the ONC that assumed a distance of 470 pc (Flaccomio et al. 2003) . Recent work shows that the ONC is at a distance of 414±7 pc (Menten et al. 2007 ). Using our best fit distance of 420 pc and the new ONC distance, the ratio of the median X-ray luminosities would be larger by nearly a factor of 2. This, combined with the high probability that many of the 45 photometric candidate members that were not detected with XMM are non-members, may account for the apparent faintness of σ Ori cluster members relative to the ONC.
σ Ori B
Since σ Ori B is observed to orbit σ Ori A (Heintz 1974 (Heintz , 1997 Frost & Adams 1904) , it is at the same distance as σ Ori Aa and Ab. Yet, σ Ori B is consistently ∼0. m 6 brighter than the ZAMS which fits all of the other high-mass cluster members. This suggests that σ Ori B is a close binary just as σ Ori A is. Alternatively, our assumed colors could be slightly wrong. If σ Ori B is a bit hotter and bluer than expected for a B0.5V star, it would be more consistent with the best fit ZAMS. A sufficiently blue value of (B−V) 0 would be within 1σ of the standard color of a B0.5V. However, sufficiently blue (U−B) 0 or (U−V) 0 colors would be difficult to reconcile with the observed B0.5V spectral type. We feel that a close binary companion is the more likely explaination.
Conclusions
From Figure 4 it is clear that the σ Ori cluster must be more distant than the nominal 350 pc Hipparcos distance for σ Ori. We estimate a distance of 420±30 pc for the cluster, assuming an [Fe/H] of −0.16, or 444 pc assuming solar metallicity. This is consistent with, but significantly more precise (7%) than the Hipparcos distance (30%). Our distance estimate is consistent with the estimated distance to Orion OB1b. Most of the older age estimates for the cluster assumed a distance of 350 pc. Our more tightly constrained distance shows that the cluster age must be closer to the young end of the range of the estimated ages. This places the age of the cluster in the range of 2-3 Myrs.
Sixteen of the 19 stars in our sample are probable members of the σ Ori cluster.
HD 37564 is too bright to be a cluster member. HD 294279 is too faint to be a cluster member. If HD 37333 is in fact an equal mass binary, it is likely to be a cluster member.
The existence of a tight main sequence among the O, B, and A stars of the σ Ori cluster suggests that any other clusters within the Orion OB1a and Orion OB1b groups (such as the 25 Ori cluster (Briceño et al. 2005) ) should also have tight main sequences.
This research has made use of the SIMBAD database, operated at CDS, Strasbourg, The triangles mark the positions of σ Ori Aa, σ Ori Ab, σ Ori B, and σ Ori C. These four stars were placed on the CMD using values of (B−V) 0 predicted from their spectral types because no reliable measured values of (B−V) were available. The squares mark the positions of the remaining stars from Table 1 . Table 1 ) along with the solarmetallicity zero age main sequence of Turner (1976) shifted to the best fit distance (solid line), the best fit ±1σ distances (dotted lines), and the Hipparcos distance (dashed line).
The triangles mark the colors and magnitudes derived for σ Ori Aa, σ Ori Ab, and σ Ori B.
The color of σ Ori Ab was derived by assuming that it lies on the ZAMS at the same distance as σ Ori Aa, so σ Ori Ab was not used to derive the best fit distance. The filled squares show the dereddened colors and magnitudes for the remaining main sequence B-stars identified as cluster members in Table 1 . The arrow shows a reddening vector for A V =0. m 5. Right:
This color-magnitude diagram compares the corrected and derived values of (U−B) 0 and V magnitude for likely cluster members (see Table 1 ) along with the zero age main sequence of Schmidt-Kaler (1982) shifted to the best fit distance (solid line), the best fit ±1σ distances to be a member of the cluster.
a Spectral types from Edwards (1976) b Reddening free colors are from Kenyon & Hartmann (1995) except where otherwise noted.
c Spectral types from Schild & Chafee (1971) g Data from Guetter (1981) .
h Data from Table 12 of Schmidt-Kaler (1982) . SpT 2
Combined Estimate 3 450±20 444±20 436±20 420±20 404±20
1 Assuming a standard reddening law with E(U−B)=0.72E(B−V).
2 We adopted the colors for each star's spectral type given by Kenyon & Hartmann (1995) .
3 The estimated uncertainties include only the random error from the fit. The systematic uncertainty from the choice of ZAMS is at least 10 pc. Combined with the uncertainty on the metallicity, the total systematic error is ∼25 pc.
